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ABSTRACT
We investigate the dust structure of gravitationally unstable disks undergoing mass accretion from
the envelope, envisioning the application to Class 0/I young stellar objects (YSOs) We find that the
dust disk quickly settles into a steady state and that, compared to a disk with interstellar medium
(ISM) dust-to-gas mass ratio and micron-sized dust, the dust mass in the steady-state decreases by
a factor of 1/2 to 1/3, and the dust thermal emission decreases by a factor of 1/3 to 1/5. The
latter decrease is caused by dust depletion and opacity decrease owing to dust growth. Our results
suggest that the masses of gravitationally unstable disks in the Class 0/I YSOs are underestimated
by a factor of 1/3 to 1/5 when calculated from the dust thermal emission assuming an ISM dust-to-
gas mass ratio and micron-sized dust opacity, and that a larger fraction of disks in Class 0/I YSOs
is gravitationally unstable than was previously believed. We also investigate the orbital radius rP
within which planetesimals form via coagulation of porous dust aggregates and show that rP becomes
∼ 20 AU for a gravitationally unstable disk around a solar mass star. Because rP increases as the
gas surface density increases and a gravitationally unstable disk has a maximum gas surface density,
rP ∼ 20 AU is the theoretical maximum radius. We suggest that planetesimal formation in the Class
0/I phase is preferable to that in the Class II phase because large gas surface density is expected and
large amount of dust is supplied by envelope-to-disk accretion.
1. INTRODUCTION
Class 0/I young stellar objects (YSOs) are in
the earliest phase of protostar formation. Recent
observations have shown that they possess circum-
stellar disks (Brinch et al. 2007; Lommen et al. 2008;
Takakuwa et al. 2012; Tobin et al. 2012; Murillo et al.
2013; Chou et al. 2014; Ohashi et al. 2014; Sakai et al.
2014; Yen et al. 2014; Aso et al. 2015; Yen et al. 2017).
They also possess a gaseous envelope and the envelope-
to-disk mass accretion occurs continuously. The life-
times are estimated to be 0.1 Myr and 0.5 Myr for
the Class 0 YSOs and Class I YSOs, respectively
(Evans et al. 2009; Williams & Cieza 2011).
Theoretical studies have suggested that gravi-
tationally unstable disks frequently form in Class
0/I YSOs. It is well known that the disk in a
Class 0/I YSO easily becomes gravitationally un-
stable when the magnetic field in the cloud core
is sufficiently weak (Nakamoto & Nakagawa 1994;
Matsumoto & Hanawa 2003; Vorobyov & Basu 2006;
Vorobyov 2009; Vorobyov & Basu 2010b; Machida et al.
2010; Tsukamoto & Machida 2011; Stamatellos et al.
2012; Kimura & Tsuribe 2012; Tsukamoto & Machida
2013; Tsukamoto et al. 2013; Takahashi et al.
2013; Lomax et al. 2014; Tsukamoto et al. 2015c;
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Kimura et al. 2016). In particular, Vorobyov and his
collaborators investigated disk evolution using long-term
simulations (to the end of the Class I phase) and showed
that gravitationally unstable disks ubiquitously form
in cloud cores in which the magnetic field is negligible.
Even when the magnetic field in the cloud core is rela-
tively strong (e.g., when its mass-to-flux ratio normalized
by the critical mass-to-flux ratio is an order of unity),
a gravitationally unstable disk can form during the
Class 0/I YSO phase. Indeed, recent three-dimensional
non-ideal magnetohydrodynamics (MHD) simulations
suggest that, even with a relatively strong magnetic
field, a circumstellar disk forms immediately after pro-
tostar formation (Machida et al. 2011; Tsukamoto et al.
2015a,b; Tomida et al. 2015; Masson et al. 2016;
Wurster et al. 2016) and becomes gravitationally unsta-
ble (Machida et al. 2011; Tsukamoto et al. 2015a,b) (for
a review of disk formation in magnetized cloud cores, see
Tsukamoto (2016)). In particular, Machida et al. (2011)
investigated the long-term evolution of circumstellar
disks (until 105 years after protostar formation) and
showed that gravitationally unstable disks can form even
in strongly magnetized cloud cores. Therefore, from a
theoretical point of view, gravitationally unstable disks
may frequently appear in the Class 0/I phase.
The properties of a gravitationally unstable disk are
summarized as follows. Disks exhibit gravitational insta-
bility (GI) when their Toomre’s Q value (Toomre 1964)
fulfills the following condition
Q ≡ csκep
piGΣgas
. 1.4 (1)
against non-axisymmetric perturbation
(Laughlin & Bodenheimer 1994), where cs, κep, , Σgas,
and G are the sound velocity, epicycle frequency, gas
2surface density, and gravitational constant, respectively.
To fulfill the Q value criterion, the mass of the disk
Mdisk should be Mdisk/Mstar & 0.1, where Mstar is the
mass of the central star. Because GI induces spiral arms
and promotes mass and angular momentum transport.
it is a candidate mechanism for angular momentum
transfer in circumstellar disks (in other words, GI can be
source of viscous α (Shakura & Sunyaev 1973)). Some
gravitationally unstable disks can fragment, and bina-
ries, brown dwarfs, and wide orbit planets can be formed
by such fragmentation (Stamatellos & Whitworth
2008, 2009; Vorobyov & Basu 2010a; Nayakshin 2010;
Tsukamoto et al. 2013). Furthermore, the disk frag-
mentation and subsequent accretion of the fragments
onto the central star may explain FU Orionis outbursts
(Vorobyov & Basu 2006). Another important property
of a gravitationally unstable disk is that its surface
density Σgas is at theoretical upper limit because the GI
inevitably develops and reduces Σgas at Q ∼ 1.4. It has
been shown that the time and azimuthally averaged disk
structures are well described by a steady-state viscous
disk model with the assumption that Q = const (e.g.,
Tsukamoto et al. 2015c). This greatly simplifies the gas
disk structure because detailed information about the
magnetic field and the ionization degree of the disk are
not required.
Although theoretical studies predict that gravitation-
ally unstable disks frequently form in Class 0/I YSOs,
observations suggest that most of Class 0/I YSO disks
are gravitationally stable. Observations of disk mass
estimated from (sub)millimeter dust emissions have
shown that disk masses in Class 0/I YSOs are typ-
ically 0.01 − 0.1M⊙ and the mean disk mass is ap-
proximately a few 0.01M⊙ (Andrews & Williams 2007;
Jørgensen et al. 2009), which is factor of 1/2 to 1/10
smaller than that required to develop GI. Therefore, a
discrepancy exists between observation and theoretical
prediction.
The source of this discrepancy is unclear. One may
imagine that inclusion of magneto-rotational instability
(MRI), which is not incorporated (or resolved) in the
abovementioned simulations, could remove the discrep-
ancy by promoting further mass accretion. However, we
argue that this may not be the case. To clarify this point,
we consider the α value at the edge of the disk required
to realize a typical mass accretion rate from the enve-
lope of M˙gas ∼ 10−6M⊙ yr−1. Using the viscous accre-
tion disk model (Shakura & Sunyaev 1973), the α value
is estimated as
α =
M˙gas
3piΣgasc2s/Ω
=
1
3
M˙gas
c3s/G
Q = 0.74
(
M˙gas
10−6M⊙ yr−1
)
(
Q
10
)(
T
20K
)−3/2
,(2)
where we assume that the typical radius of the
disk is rdisk = 100AU (Williams & Cieza 2011) and
that disk temperature is typically 20 K at 100 AU
(Chiang & Goldreich 1997). We also assume that κep =
Ω, where Ω is the angular velocity and cs =
√
kBT/mg =
1.9× 104 (T/10 K)1/2cm s−1, where kB and mg = 3.9×
10−24g are the Boltzmann constant and mean molecular
mass, respectively. This estimate shows that a quite large
α of ∼ 1 is required to achieve M˙gas = 10−6M⊙ yr−1 in
a disk with Q = 10 and rdisk = 100 AU. On the other
hand, the MRI-induced α is typically α ∼ 10−2, even in
fully ionized disk, and may be significantly smaller when
the non-ideal MHD effects are at work (Fleming et al.
2000; Bai & Stone 2011; Kunz & Lesur 2013). There-
fore, the angular momentum transfer owing to MRI is
too weak to attain the typical mass accretion rate of
M˙gas = 10
−6M⊙ yr
−1 from the envelope, and the mass
inevitably accumulates in the disk. Even for a disk with
Q ∼ 2, which corresponds to a marginally gravitationally
unstable disk, α should be ∼ 0.14 at 100 AU. Again, MRI
may not play a major role in the outer region. Because
no physical mechanism is known to produce α ∼ 1, and
because the above estimate is robust and difficult to re-
fute, we conclude that MRI (or other angular momentum
transfer mechanisms) may not solve the discrepancy.
Thus, we should seek a source of this discrepancy
other than MRI. One possible explanation we pursue
in this paper is growth and depletion of the dust par-
ticles. Gas disk mass is often estimated from dust ther-
mal emission by assuming the typical dust-to-gas mass
ratio of the interstellar medium (ISM), fdg,ISM = 1/100
and micron-sized dust. However, whether these assump-
tions are also justified for the disk is unclear because
dust particles can grow and can be depleted by radial
migration. The reduction of the dust-to-gas mass ra-
tio causes an apparent underestimation of the gas mass.
Furthermore, dust opacity can decrease by dust growth,
which also leads to an apparent underestimation of the
gas mass. The problem of assuming the ISM dust-to-
gas mass ratio and simply converting the dust mass
to a gas mass have been pointed out by several au-
thors (Kamp et al. 2005; Dullemond & Dominik 2005;
Brauer et al. 2007; Dunham et al. 2014). In fact, the
disk observations using HD line emission, which is a more
direct tracer for disk mass suggest that the disk mass es-
timated from dust thermal emission tends to be smaller
(Bergin et al. 2013; McClure et al. 2016). Note also that
Andrews & Williams (2007) (see also Hartmann et al.
1998) pointed out that the disk mass required to main-
tain disk-to-star mass accretion during the Class II phase
is much larger than that estimated from dust thermal
emission. Although these previous studies mostly focus
on the Class II phase, dust growth and depletion also
possibly explain the discrepancy of disk mass in Class
0/I YSOs.
Several observational studies have suggested the
dust growth occurs in YSOs. (Beckwith & Sargent
1991; Kitamura et al. 2002; Jørgensen et al. 2007;
Kwon et al. 2009; Ricci et al. 2010a,b; Pe´rez et al. 2012;
Miotello et al. 2014; Tobin et al. 2013; Pe´rez et al. 2015;
Tazzari et al. 2016; Carrasco-Gonza´lez et al. 2016). It is
known that the opacity spectral index β decreases ow-
ing to dust growth. For example, Ricci et al. (2010a)
showed that the Class II YSOs in Ophiuchus exhibit
β ∼ 0.5 , which is significantly smaller than the ISM
value, i.e., β 1.7. Even in Class 0/I YSOs, the value of
β can be smaller than that in the ISM (Jørgensen et al.
2007; Kwon et al. 2009; Tobin et al. 2013). These obser-
vations suggest that dust growth occurs ubiquitously in
disks (here, we assume that a dust disk is optically thin
3for millimeter wavelengths) and that the dust size may
be significantly larger than that in the ISM. In particu-
lar, small β observed in some Class 0 YSOs suggests that
the dust growth occurs even in the earliest phase of star
formation. Note, however, that we should take care in
interpreting these observations because β also decreases
when the disk is optically thick. As shown by the recent
observation of a Class I object (Cieza et al. 2016), it is
possible that the decreases in the value of β comes not
from dust growth but from the large optical depth of the
disk. Thus, verifications of dust growth in Class 0/I ob-
jects by future high-resolution observations are awaited.
From a theoretical point of view, dust growth and sub-
sequent dust radial drift are also expected even in the
Class 0/I phase because of the small timescale of dust
growth and radial drift. Previous studies have pointed
out that the growth and drift timescales of dust par-
ticles are much smaller than the viscous timescale of
the disk (Weidenschilling 1977; Nakagawa et al. 1986;
Takeuchi et al. 2005) and the dust-to-gas mass ratio de-
creases in a very short duration (Dullemond & Dominik
2005; Brauer et al. 2007, 2008). In these previous stud-
ies, however, isolated disks were investigated and how
dust evolution proceeds in Class 0/I phase (or under the
envelope-to-disk accretion) was not clear. More recently,
Birnstiel et al. (2010) investigated the evolution of dust
particles in an evolving circumstellar disk by considering
the envelope-to-disk mass accretion. They showed that
the dust-to-gas mass ratio become as small as ∼ 1/1000
at t = 1 Myr after the simulation was initiated, with
the collisional fragmentation being negligible. Although
Birnstiel et al. (2010) clearly showed the possibility of
significant reduction of the dust-to-gas mass ratio at the
end of the Class I phase, the quantitative reduction rate
of the dust-to-gas mass ratio during the Class 0/I phase
was not shown. Furthermore, the dependence of the re-
duction rate on parameters, such as mass accretion rate
onto the disk, mass of the central star, dust porosity, and
the gas disk structure, remains unclear.
Another important issue regarding dust evolution in
a gravitationally unstable disk is the maximum orbital
radius of planetesimal formation. Okuzumi et al. (2012)
and Kataoka et al. (2013) proposed a planetesimal for-
mation scenario in which icy planetesimals form from
highly porous dust aggregates. In their scenario, as noted
by Okuzumi et al. (2012), the orbital radius within which
planetesimals form is an increasing function of the gas
surface density. On the other hand, the gas surface den-
sity of a gravitationally unstable disk is the theoretical
upper limit. Therefore, we can determine the maximum
orbital radius within which planetesimals form by con-
sidering planetesimal formation in a gravitationally un-
stable disk.
In this paper, we investigate the dust structure and
planetesimal formation in gravitationally unstable disks
undergoing mass accretion from envelopes. This paper is
organized as follows: In §2, we describe the models and
governing equations for dust evolution. The results are
given in §3. We summarize and discuss our results in §4.
2. MODELS
In this section, we describe the gas disk model and
the governing equations for dust evolution adopted in
this paper. To clarify the dust evolution in a gas disk
and simplify the system behavior, we assume that the
gas disk is in a steady state and does not evolve. As
discussed in this section, this assumption is valid.
2.1. Steady-state structure of gravitationally unstable
disks
We construct the steady-state profile of a gravitation-
ally unstable disk as a function of the radius r, mass of
the central star Mstar, and mass accretion rate of gas
M˙gas. The fundamental assumptions of our disk model
are as follows:
1. The disk can be described by the viscous α accre-
tion disk model (Shakura & Sunyaev 1973);
2. The disk is steady, meaning that M˙gas = const;
3. The Toomre’s Q value of the disk is on the order
of unity and constant.
With these assumptions, the physical quantities of the
disk should satisfy the following equation:
∣∣∣∣d lnΩd lnR
∣∣∣∣αc2sΩΣgas = 12piM˙gas = const. (∝ r0), (3)
where, M˙gas is the mass accretion rate of the gas, α =
ν Ωc2s
, and ν is the kinematic viscosity. The Q value for
a marginally gravitationally unstable disk takes constant
value Qcrit,
Q = Qcrit (∝ r0). (4)
We set Qcrit = 2 because spiral arms develop at Q ∼ 1.4
(Laughlin & Bodenheimer 1994) and a marginally unsta-
ble disk may have a slightly larger Q value than 1.4.
Here and in the following, we approximate the epicycle
frequency as κep = Ω.
Equations (3) and (4) yield
Σgas ∝ T 1/2Ω,
α ∝ M˙gasT−3/2,
(5)
where we have used cs ∝ T 1/2. Thus, from equations
(3) and (4), we can determine the profile of the gravi-
tationally unstable steady disk by specifying a rotation
profile, temperature profile (or energy balance equation),
and mass accretion rate.
In this paper, we assume the Keplerian rotation as
Ω =
√
GMstar
r3
, (6)
for simplicity. Note, however, that the rotational profile
of a gravitationally unstable disk may differ from simple
Keplerian rotation, because the gravitational potential
is modified from that of the point gravity source by the
disk self-gravity (see, Tsukamoto et al. 2015c).
2.1.1. Temperature profile
We assume that the disk temperature T is determined
by the stellar irradiation and obeys the profile given in
Kusaka et al. (1970) and Chiang & Goldreich (1997) as
T = Tirr ≡ 150
( r
1AU
)−3/7
. (7)
4The assumption that the disk temperature is determined
by irradiation is valid because the viscous heating is neg-
ligible for r & 10 AU which is our primary focus. In
Appendix B, we estimate the temperature profile deter-
mined by the viscous heating and confirm that the vis-
cous heating is negligible.
2.1.2. Gas disk structure
By solving equations (3), (4), (6), and (7), we obtain
the steady-state solution for the gravitationally unstable
gas disk as
Σgas=1.3× 101
(
M
M⊙
)1/2 ( r
100AU
)−12/7
g cm−2,(8)
α=1.4× 10−1
(
M˙gas
10−6M⊙yr−1
)( r
100AU
)9/14
. (9)
Note that α has a radial dependence of α ∝ r9/14, which
is a general feature of realistic disks.
The diffusion timescale of our disk is estimated as
tdiff ≡ r
2
ν
= 1.4× 105
( r
100 AU
)2/7
(
M˙gas
10−6M⊙ yr−1
)−1(
Mstar
M⊙
)1/2
years (10)
where ν = αc2s/Ω is the kinematic viscosity. This value
is smaller than or comparable to the lifetime of the Class
0/I phase ∼ 0.5 Myr, and our assumption of the steady-
state is valid.
2.1.3. Assumptions for the viscous α
We assume that α values that lead to the gas advec-
tion and internal turbulence are identical for simplic-
ity. While the former includes both turbulent viscosity
and gravitational torque, i.e., αturb + αgrav. The lat-
ter incorporates αturb only. Here αturb = 〈ΣgasδvRδvφ〉
is the α value induced by the Reynolds stress. and
αgrav = 〈
∫
dzgRgφ/(4piG)〉 is that induced by the grav-
itational torque, where 〈〉 indicates the time and az-
imuthal average, and δvR, δvφ and gR, gφ indicate the
radial and azimuthal components of the velocity fluc-
tuation and of the gravitational force induced by the
spiral arms, respectively. This simplification is valid if
αturb/αgrav ≫ 1. Note that, with this simplification, we
overestimate the collision velocity induced by the disk
turbulence, and the realistic collision velocity is smaller
than the value obtained in this paper. We neglect the ef-
fect of MRI, because it is expected to be weak (α . 10−2)
compared to the GI in the outer region (α ∼ 10−1).
2.2. Dust model
An important quantity that determines the dust dy-
namics is the stopping time of dust particles ts, which
is the timescale on which the dust particle momentum
is relaxed by gas drag. In this paper, we consider two
regimes of the stopping time depending on the dust size:
ts =
{ρintadust
ρgasvth
adust <
9
4λmfp (Epstein drag law)
4ρinta
2
dust
9ρgasvthλmfp
adust >
9
4λmfp (Stokes drag law)
(11)
where ρint, adust, and ρgas are the internal density, radius
of the dust particles, and gas density, respectively. We
adopt ρint = 1.4f g cm
−3 where f is volume filling fac-
tor. The thermal velocity vth is given by vth =
√
8/pics.
The mean free path is given by λmfp = mgas/(σmolρgas),
where σmol = 2 × 10−15cm2 is the collisional cross sec-
tion of the gas molecules and mgas = 3.9 × 10−24g is
the mean molecular mass. We do not consider Newton’s
drag regime, which applies to very large particles around
which the gas flow has high Reynolds numbers. The mo-
tion of the dust particles is characterized by the Stokes
number St, which is defined as
St ≡ Ωts =
{piρintadust
2Σgas
, adust <
9
4λmfp (Epstein drag law),
2ρinta
2
dust
9Σgasλmfp
, adust >
9
4λmfp (Stokes drag law).
(12)
In this study, we employ simplified dust coagulation
equations in which the dust size distribution is char-
acterized by the single representative mass mdust(r).
This single-size approximation have been employed in
many previous studies on dust evolution in protoplan-
etary disks (Kornet et al. 2001; Birnstiel et al. 2012;
Sato et al. 2016; Okuzumi et al. 2016; Krijt et al. 2016).
The governing equations for dust evolution are
∂Σdust
∂t
+
1
r
∂
∂r
(rvr,dustΣdust) = 0, (13)
∂mdust
∂t
+ vr,dust
∂mdust
∂r
=
mdust
tcoll
, (14)
where Σdust and vr,dust are the dust surface density and
the dust radial velocity, respectively. The first equation
represents the mass conservation of dust particles, where
we neglect the turbulent diffusion term for simplicity. In
this paper, we consider two forms for the dust radial
velocity. One is the standard form, which is given as
vr,dust = −( vr,gas
1 + St2
+
2St
1 + St2
ηvK), (15)
where vK = rΩ, vr,gas is the gas radial velocity given as
vr,gas = M˙gas/(2pirΣgas), and η is a parameter that deter-
mines the sub-Kepler motion of the gas and is expressed
as (Weidenschilling 1977),
η = −1
2
(
cs
vK
)2
d lnP
d ln r
. (16)
The first and second terms in the right hand side de-
scribe the dust radial motion caused by gas advection
(Kornet et al. 2001) and the radial drift of the dust par-
ticles (Weidenschilling 1977), respectively. We also con-
sider the other form for the dust radial velocity, which is
given by
vr,dust = −(vr,gas + 2St
1 + St2
ηvK). (17)
In this form, the radial drift caused by gas advection is
artificially enhanced for St & 1. The reason why we con-
sider this form is to investigate the orbital radius of plan-
etesimal formation in the steady-state solution. When
vr,dust is calculated using equation (15), the radial mi-
gration of planetesimals essentially stops because their
5Stokes number is St ≫ 1, and the orbital radius within
which planetesimals form rP is inevitably influenced by
the initial condition. The radius of the planetesimal for-
mation calculated using equation (15) indicates the max-
imum radius of planetesimal formation rP,max during the
time evolution of the dust disk for a given parameter set
because the initial disk has a larger dust surface density
and larger dust mass accretion rate than tare presented
in the steady disk. On the other hand, when vr,dust is
calculated using equation (17), the planetesimals migrate
with gas advection velocity and are swept away from the
disk. Therefore, rP obtained with equation (17) is the
planetesimal formation radius expected from the steady-
state solution. We denote this radius as rP,steady, which
corresponds to the minimum value of rP for a given pa-
rameter set.
In a realistic situation, whether the planetesimals form
at rP,max or rP,steady is unclear, in fact, it largely de-
pends on the formation process of the gas disk. If the
disk formation process is sufficiently rapid and the disk
maintains the ISM dust-to-gas mass ratio, the planetes-
imals form at rP,max. On the other hand, they form at
rP,steady if the disk formation process is slow and the dust
particles are already depleted in the inner region. We can
expect, however, that planetesimals form between rP,max
and rP,steady.
Note that the results other than rP discussed in this
paper are independent of the choice of the dust radial
velocity. We therefore use equation (15) unless otherwise
noted.
Equation (14) represents the dust growth that can be
derived by taking the first moment of the dust coagu-
lation equation (see the Appendix of Sato et al. 2016).
The collision time tcoll is given as
tcoll =
1
4pia2dustndust∆v
. (18)
where ndust is the dust number density and ∆v is the
collision velocity between dust particles. ndust can be
rewritten using Σdust, the dust scale height Hdust, and
the mass of the dust aggregate mdust as
ndust =
Σdust√
2piHdustmdust
. (19)
By assuming a balance between vertical settling and
turbulent diffusion, the dust scale height is given as
(Dubrulle et al. 1995; Youdin & Lithwick 2007),
Hdust = (1 +
St
α
1 + 2St
1 + St
)−1/2Hgas, (20)
where Hgas = cs/Ω is the gas scale height. We assume
that the collision velocity of the dust particles is given
as
∆v =
√
∆v2B +∆v
2
r +∆v
2
φ +∆v
2
z +∆v
2
turb, (21)
where ∆vB, ∆vr, ∆vφ, ∆vzand ∆vturb are the collision
velocity induced by Brownian motion, radial drift, az-
imuthal drift, vertical settling, and disk turbulence, re-
spectively. We evaluate these components using the pre-
scription described in Okuzumi et al. (2012).
2.3. Initial and outer boundary condition
We assume that theinitial dust-to-gas mass ratio in the
disk is fdg,ISM = 1/100, and that the dust surface density
profile is initially given as Σdust = fdg,ISMΣgas. We also
assume that the initial dust size is constant in the disk
and given as adust,init = 1f
−1/3µm, where f is the filling
factor. For consistency, we introduced the factor f−1/3
to the internal density ρint ∝ a3f .
To mimic mass accretion from the envelope, the mass
flux at the outer boundary is kept constant during the
simulation. The dust-to-gas mass ratio and dust size at
the outer boundary are set as fdg,ISM and adust,init, re-
spectively. Thus, M˙dust = fdg,ISMM˙gas at the boundary.
With this treatment, we implicitly assume that the mass
loading from the envelope primarily occurs at the disk
edge.
Mass loading from the disk edge well describes re-
alistic envelope-to-disk mass accretion. Previous stud-
ies employing MHD simulations have reported the for-
mation of pseudo-disks and outflow (e.g., Allen et al.
2003; Machida et al. 2011; Tsukamoto et al. 2015b). A
pseudo-disk is a flattened disk-like structure that forms
around a disk and connects to the disk edge. Because
mass accretion primarily occurs through the pseudo-disk,
almost all of the gas accretes onto the disk edge. Fur-
thermore, as the outflow has a large opening angle and
sweeps up gas residing above the disk (Machida et al.
2008; Price et al. 2012), the gas cannot accrete from the
vertical direction. Based on these considerations, we as-
sume that the gas and dust mass are primarily loaded
from the disk edge.
2.4. Opacity of dust aggregate
To estimate the radiative flux of dust thermal emis-
sion from the simulated dust disk, we calculate the ab-
sorption opacity of the dust aggregates, κd,λ using the
analytic formula given by Kataoka et al. (2014). The
dust monomers are assumed to be composed of sili-
cate, carbonaceous materials, and water ice The mass
fraction abundances are identical to those adopted by
Pollack et al. (1994), ζsilicate : ζcarbon : ζice = 2.64 : 3.53 :
5.55. We employ the values for the refractive indices
of astronomical silicate, amorphous carbon, and water
ice given by Weingartner & Draine (2001), Zubko et al.
(1996), and water ice given by Warren (1984), respec-
tively. The effective monomer refractive index is calcu-
lated using the Bruggeman mixing rule.
As we consider porous dust aggregates in this paper,
it is necessary to know their opacity. We can regard
a porous aggregate as a mixture of monomers and vac-
uum, and effective medium theory can be applied in or-
der to obtain the effective refractive index. This is cal-
culated using the Maxwell-Garnett rule (for details, see
Kataoka et al. 2014). We assume that the dust size dis-
tribution obeys a power law dn/da ∝ a−2.5 with cut-off
radii of amin = adust,init and amax = adust. This power
law is slightly shallower than that estimated for the ISM
dn/da ∝ a−3.5, or q = 3.5 (Mathis et al. 1977), because,
as discussed in Miyake & Nakagawa (1993), a smaller q
is expected when the coagulation process dominates the
fragmentation process that is true in the situation we
consider in this paper. The shallower size distribution is
also expected to explain the observed small value of the
opacity spectral index β Ricci et al. (2010b).
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Fig. 1.— Absorption opacity at λ = 1.3 mm as a function of
the product of the maximum dust radius and the filling factor,
amaxf The solid, dashed, dotted, and dashed-dotted lines show
the opacity for f = 1, 10−1, 10−2, and 10−3 , respectively.
Figure 1 show the dust absorption opacity at λ =
1.3 mm (which corresponds to ALMA Band 6) as a func-
tion of the product of maximum dust size and filling fac-
tor, amaxf . To obtain the opacity for this figure, we as-
sume that amin = 0.1µm. As noted in Kataoka et al.
(2014), the filling factor and the dust size degener-
ate, thus, the dust opacity is identical for af ≪ 1cm
and af ≫ 1cm. However, the opacity is enhanced at
10−2cm . amax . 1cm in the compact case (f = 1).
This enhancement causes overestimation of the dust mass
based on the dust thermal emission (see figure 9). We
expect, however, that this enhancement is not impor-
tant in a realistic situation because the realistic dust
aggregates may have f . 10−1, as suggested by ob-
servation of comets (A’Hearn et al. 2005; Pa¨tzold et al.
2016), as well as by recent theoretical studies on dust co-
agulation incorporating porosity evolution (Ormel et al.
2007; Okuzumi et al. 2012). The value of the opac-
ity is consistent with previous works (Ricci et al. 2010b;
Okuzumi et al. 2016).
2.5. Parameters and Models
In this paper, as parameters, we choose the mass ac-
cretion rate M˙gas, radius of the disk rdisk, the mass of
the central star Mstar, and the filling factor f . Table
1 lists the model names and parameter choices that are
investigated in §3. Furthermore, to derive the empirical
formula shown in equation (37), we executed a total of
144 simulations.
3. RESULTS
3.1. Results from the fiducial model
In this subsection, we describe the results obtained
from our chosen fiducial model, M1Mdot37r100f1. The
dependence on the model parameters is discussed in sub-
sequent subsections.
3.1.1. Timescale for settling into the steady state
In figure 2, we show the time evolution of the dust
structure. As shown in the top left panel, the dust sur-
face density quickly decreases owing to rapid dust growth
and subsequent radial migration. The dust disk settles
into the steady state at t ∼ 0.15 Myr. As a result, the
structures at t = 0.15 Myr and t = 1.0 Myr (at the end of
the simulation) are identical. The steady-state settling
is particularly clear in terms of M˙dust (top-right panel),
which becomes radially constant at t ∼ 0.15 Myr. The
timescale for steady-state settling can be estimated from
the timescale when the dust grows to the size at which
radial drift begins at the disk edge, which is estimated
as (Okuzumi et al. 2012)
tgrow ≡
(
d lnmdust
dt
)−1
=
4
√
2pi
3
Hdustρinta
∆vΣdust
∼ 3.4× 104
(
Mstar
M⊙
)−1/2 ( r
100AU
)3/2
years, (22)
where we assume the gas disk structure of equations (8)
and (9) , Hdust = (St/α)
−1/2Hgas, ∆v =
√
αc2sSt, and
the Epstein drag law. We also assume that the dust-to-
gas mass ratio at the edge of the disk is 1/100. This
timescale corresponds to the mass doubling time and
our simulation results show that the timescale for dust
growth to cm-sized dust is slightly longer (∼ 105 yr) than
this estimate. The dust growth timescale is shorter than
the lifetimes of Class 0/I YSOs, which are typically 0.5
Myr (Evans et al. 2009; Williams & Cieza 2011). There-
fore, it is expected that the dust structure in the Class
0/I phase can be described by the steady-state solution
for the dust disk. The analytic solutions for the steady-
state structure are discussed in detail in Appendix A.
3.1.2. Steady-state structure of dust disk
Hereafter, we focus on the steady-state structure of
the dust disk (shown as dotted and dashed-dotted lines).
The top-left panel of figure 2 shows the dust surface
density. The dust surface density at the outer region,
r & 80 AU, is identical to its initial value because the
dust particles are small and move with the gas advec-
tion. As a result, the initial dust-to-gas mass ratio is
maintained in this region. Once the dust particles grow
and the dust drift velocity overtakes the gas advection
velocity, inward drifting of the dust particles begins. In
our fiducial model, the radius at which the radial drift
begins is rdrift ∼ 80 AU. For r < rdrift, the dust-to-
gas mass ratio decreases from its initial values owing to
the faster radial motion of the dust particles. The dust
surface density for 20 AU . r . 80 AU asymptotically
obeys the power law Σdust ∝ r−31/28, which is the asymp-
totic steady-state solution (equation (A11), dotted black
line).
rdrift can be estimated by considering the radius at
which the gas advection velocity is equal to the dust drift
velocity
vr,gas = vr,dust ∼ 2StηvK, (23)
where we assume St ≪ 1. By assuming the gas disk
structure of equations (8) – (9), we obtain
rdrift = 2.2×102
(
St
10−2
)14/9(
M˙gas
10−7M⊙ yr−1
)−14/9
AU.
(24)
If we assume St = 0.01 − 0.02, as is suggested by the
bottom panel, and Mgas = 3 × 10−7M⊙ yr−1, then
rdrift = 40 − 120 AU. This estimate crudely explains
our numerical results.
As the dust migrates inwards, adust exceeds the mean
7TABLE 1
Models investigated in §3 and their parameters. Note that we execute 144 simulations in total in order to derive our
empirical formula, shown in equation (37) and most of them are not shown in this table.
Model
name
Stellar
mass
(M⊙)
Gas accretion
rate
(M⊙ yr
−1)
Disk
radius
( AU)
Filling
factor Comment
M1Mdot37r100f1 1 3× 10−7 100 10−1 fiducial model
M05Mdot37r100f1 0.5 3× 10−7 100 10−1
M2Mdot37r100f1 2 3× 10−7 100 10−1
M1Mdot36r100f1 1 3× 10−6 100 10−1
M1Mdot16r100f1 1 1× 10−6 100 10−1
M1Mdot17r100f1 1 1× 10−7 100 10−1
M1Mdot37r50f1 1 3× 10−7 50 10−1
M1Mdot37r200f1 1 3× 10−7 200 10−1
M1Mdot37r100f0 1 3× 10−7 100 100
M1Mdot37r100f2 1 3× 10−7 100 10−2
M1Mdot37r100f4 1 3× 10−7 100 10−4
M2Mdot37r100f4 2 3× 10−7 100 10−4
M2Mdot37r100f5 2 3× 10−7 100 10−5
M1Mdot37r100f5 1 3× 10−7 100 10−5
free path and the drag law changes to the Stokes’ law
at a certain radius rStokes. The change in the drag law
is identified by the change in the profile at r ∼ 10 AU.
In the region of the Stoke regime, Σdust is an increas-
ing function of r. Through the analytic discussion in
Appendix A, we can show that the dust surface density
asymptotically obeys the power law Σdust ∝ r19/42 when
∆v =
√
αc2sSt and Hdust = (St/α)
−1/2Hgas, and we can
confirm the positive power law of Σdust. However, be-
cause of the narrow Stokes drag region in the disk, the
structure does not converge into the asymptotic solution.
Rather, it is steeper than the solution. rStokes can be es-
timated from the condition
adust =
9
4
λmfp. (25)
From the gas disk structure of equations (8) and (9), the
radius is given as,
rStokes = 9.6
(
Mstar
M⊙
)7/22(
St
0.01
)7/33(
ρint
0.1 g cm−3
)−7/33
AU.
(26)
This agrees well with our results.
The middle-left panel of figure 2 shows the collision
velocity of the dust particles. In the steady state ∆v .
15 m s−1 at r > 10 AU, and asymptotically obeys the
power law ∆v ∝ r1/8 in 10 AU . r . 80 AU (equation
(A15), dotted black line). The collision velocity is signif-
icantly smaller than the threshold velocity vth for colli-
sional fragmentation. Simulations of aggregate collisions
byWada et al. (2013) showed that vth ∼ 80 m s−1 for ag-
gregates composed of 0.1 µm sized icy monomer grains,
and we chose vth = 80 m s
−1 (black solid line). Further-
more, as we noted in section §2.1.3, the collision velocity
in our simulations is slightly overestimated. Thus, we
conclude that collisional fragmentation does not play a
major role in our model.
As shown in the middle-right panel of figure 2, adust
quickly increases and becomes greater than 1 cm in r .
70 AU, asymptotically obeying the power law adust ∝
r−47/28. Figure 2 shows that the dust particles migrate
in the form of centimeter-scale particles or ”pebbles” in
the disk during the Class 0/I phase. Because the amount
of dust that passes through the disk is quite large in
the Class 0/I phase (approximately 1 % of the central-
star mass), the pebble accretion scenario for planet for-
mation (Ormel & Klahr 2010; Lambrechts & Johansen
2012, 2014) seems to be preferred in the Class 0/I phase
compared to the Class II phase, in which dust depletion
at the disk outer edge limits the embryo growth by peb-
ble accretion (Ida et al. 2016).
3.1.3. Reduction of the dust mass and thermal emission
As implied from the top-left panel of figure 2, the to-
tal dust mass in the steady disk Mdust systematically
decreases from the disk with the ISM dust-to-gas mass
ratio fdg,ISM = 1/100. We define the reduction rate of
dust mass in the disk owing to the dust depletion µM as
µM ≡ Mdust,steady
fdg,ISMMgas
. (27)
Here, Mdust,steady ≡
∫ rmax
rmin
Σdust,steady(r)2pirdr and
Mgas ≡
∫ rmax
rmin
Σgas(r)2pirdr where Σdust,steady is the
steady-state dust surface density. µM is the ratio of the
dust mass in the steady-state disk to that in the disk
with fdg,ISM. (or the initial dust disk in our simulation).
By numerically integrating equation (27) taking the inner
and outer cut-off radius as rmin = 10 AU and rmax = 100
AU, we obtain
µM = 0.34, (28)
for our fiducial model. Therefore, the dust-to-gas mass
ratio of the disk for our fiducial model becomes approx-
imately
fdg,steady ≡ µMfdg,ISM ∼ 1/300, (29)
and is smaller than the value for the ISM.
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Fig. 2.— Time evolution of the radial profile of dust density, mass accretion rate, collision velocity, dust size, and Stokes number of
our fiducial model, M1Mdot37r100f1. The red solid, blue dashed, magenta dotted, and green dashed-dotted lines show the profiles at
t = 0.01, 0.025, 0.15, and 1.0 Myr, respectively. The black solid lines in the surface density and in the collision velocity plots show
fdg,ISMΣgas and the threshold velocity vth = 80 m s
−1, respectively. The black dashed lines show the analytic steady-state solutions under
the condition where ∆v =
√
2αc2sSt, Hdust = (St/α)
−1/2Hgas, and the Epstein law is followed (equations (A11)– (A15)).
Furthermore, as dust growth reduces its opacity, the
apparent mass of the dust disk that is estimated from the
dust thermal emission assuming the opacity of micron-
sized dust becomes smaller thanMdust. In this paper, we
consider the dust thermal emission at λ = 1.3mm which
corresponds to ALMA Band 6. The radiative flux from
the dust disk in the steady state can be calculated as
Fsteady,1.3mm =
4pi
D2
∫ rmax
rmin
{[1− exp(τsteady,1.3mm(r))]
B1.3mm(T (r))}2pirdr.(30)
where
τsteady,1.3mm(r) = κ1.3mm(adust,steady(r))Σdust,steady(r),(31)
and κ1.3mm, adust,steady, B1.3mm and D are the dust
9opacity at λ = 1.3mm, the dust radius in the steady
state, the Plank function at λ = 1.3mm, and the distance
of the source, respectively. To calculate the dust opacity,
we set amin = ainit, amax = adust. Because the disk mass
is often estimated from the dust thermal emission by as-
suming micron-sized dust opacity, ISM dust-to-gas mass
ratio, and that dust disk is optically thin, we can define
the ”effective” reduction rate of the dust mass owing to
dust depletion and opacity reduction µF as satisfying
µF =
Fsteady,1.3mm
FISM,1.3mm
. (32)
where FISM,1.3mm is the radiative flux defined as
FISM,1.3mm ≡ 4pi
D2
∫ rmax
rmin
{κ1.3mm(aISM)(fdg,ISMΣgas(r))
B1.3mm(T (r))} 2pirdr,(33)
where we assume the typical dust size of the ISM aISM
to be aISM = 0.1µm.
In the steady state of our fiducial model,
µF = 0.17. (34)
Thus, the ”effective” dust-to-gas mass ratio for our fidu-
cial model is calculated as
fdg,eff ≡ µFfdg,ISM ∼ 1/500. (35)
The reduction of dust thermal emission causes underes-
timation ofMgas because the gas mass is often estimated
by assuming fdg,ISM and the opacity of micron-sized dust.
The apparent gas disk mass Mapp is calculated as
Mapp ≡ µFMgas. (36)
In our fiducial model, the gas disk mass is Mgas =∫
Σgas2pirdr = 0.16M⊙ where the inner and outer cut-
off radii are chosen to be rin = 10 AU and rout =
rdisk = 100 AU, respectively. The apparent gas disk
mass estimated from the dust thermal emission is
Mapp = 0.027M⊙ and is apparently gravitationally sta-
ble. Thus, even when a gravitationally unstable disk
exists in a Class I YSO, it appears to be gravitation-
ally stable. Note that Mapp is consistent with the ob-
served disk mass Mgas,obs of Class I YSOs in the range
0.01M⊙ < Mgas,obs < 0.1M⊙ (Andrews & Williams
2007; Jørgensen et al. 2009).
3.2. Parameter study
In this subsection, we investigate how the steady-state
structure and apparent disk mass depend on the model
parameters. The parameters we consider in this subsec-
tion are the mass accretion rate onto the disk M˙gas, the
filling factor of the dust aggregate f , the radius of the
disk rdisk, and the central-star mass Mstar. In the mod-
els considered in this section, the steady state is reached
within 0.2 Myr and it is expected that the dust disk is in
its steady state in the Class I phase. Therefore, we focus
on the dependence of the steady-state structure on the
parameters.
3.2.1. Dependence on mass accretion rate
In the top-left panel of figure 3, we show the surface
density profiles of the the steady-state dust disk for var-
ious mass accretion rate (M˙gas = 1× 10−7, 3× 10−7, 1×
10−6, 3×10−6 M⊙ yr−1). The surface density of the dust
for rStokes < r < rdrift is an increasing function of M˙gas.
It depends on the mass accretion rate as Σdust ∝ M˙1/2gas
(see equation (A11)). Thus, as the mass accretion de-
creases, Mapp decreases although the actual gas mass
Mgas is independent of M˙gas (equation (8)).
The top-right panel of figure 3 shows the collision ve-
locity. Even with the relatively large mass accretion rate,
(M˙gas = 3 × 10−6M⊙ yr−1), the collision velocity is
smaller than the threshold velocity (vth = 80 m s
−1) for
r & 10 AU, and our assumption of perfect sticking is
still justified. However, if we consider a slightly larger
mass accretion rate, e.g., M˙gas = 10
−5M⊙ yr
−1, which
may occur in some Class 0/I YSOs, collisional fragmenta-
tion plays a dominant role in determining the dust struc-
ture. Note also that the threshold velocity adopted in
this paper is derived with 0.1 µm sized monomer and
it may decrease if the monomer size is large. If this is
the case, the collisional fragmentation becomes dominant
with smaller mass accretion rate. The collision velocity
exhibits the following dependence on the mass accretion
rate: ∆v ∝ (αSt)1/2 ∝ M˙3/4gas (see, (9) and (A12)).
The bottom-left panel of figure 3 shows the radial pro-
file of dust size. In the outer part of the disk (r &
80 AU ∼ rdrift), the dust size increases as the accretion
rate decreases owing to the small gas advection velocity
in the small mass accretion models. Because of the small
advection velocity, the dust particles can remain in the
outer region for a long period of time and have sufficient
time to grow to a larger size. On the other hand, in the
inner part of the disk (rStokes < r < rrdrift), the dust size
increases as adust ∝ M˙1/2gas (equation (A13)).
In the left panel of figure 4, we show µM and µF for var-
ious mass accretion rates. As pointed out above, µF indi-
cates the effective reduction rate of the gas mass. Both
µM and µF are increasing functions of the mass accre-
tion rate. The dashed line shows our empirical formula
for µF, equation (37), which indicates that µF ∝ M˙0.17gas .
The right panel of figure 4 shows the apparent mass
of the gas disk as a function of the mass accretion rate
calculated according to Mapp = µFMgas, The black line
shows the actual gas mass in the disk, Mgas = 0.16M⊙.
Because the mass of a gravitationally unstable disk does
not depend on the mass accretion rate, the actual gas
disk mass is constant. In all cases shown in the figure,
the apparent mass is within the mass range suggested
by observations of Class I YSOs, 0.01M⊙ . Mgas,obs .
0.1M⊙.
3.2.2. Dependence on central-star mass
In the top-left panel of figure 5, we show the surface
density profile of dust for various central-star masses
(M∗ = 0.5, 1.0, 2.0M⊙). Interestingly, once radial
drift begins, Σdust converges to the same steady-state
solution for rStokes < r < rdrift, independent of the
central-star mass, which can be understood as follows.
Because we consider a gravitationally unstable disk,
Σgas ∝ Ω ∝ M1/2star. From equation (A12), by assum-
ing ∆v =
√
αc2sSt, Hdust = (St/α)
−1/2Hgas, and Ep-
stein drag, we can find tcoll/tdrift ∝ ΩΣgasSt−2 ∝ M0star
and hence, St ∝ (ΩΣgas)1/2 ∝ M1/2star. Then, from (A3),
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Fig. 3.— Radial profiles of dust surface density (top left), collision velocity (top right) dust size (bottom left), and Stokes number
(bottom right) in the steady state (at t = 0.2 Myr) for various mass accretion rates. The red solid, blue dashed, magenta dotted, and
green dashed-dotted lines show the profile of M1Mdot36r100f1, M1Mdot16r100f1, M1Mdot37r100f1, and M1Mdot17r100f1, respectively.
The black solid lines in the surface density and in the collision velocity plots show fdg,ISMΣgas and the threshold velocity, respectively.
 0.1
 1
10-7 10-6 10-5
µ M
,
 
µ F
Mdot (Msun year-1)
 0.01
 0.1
10-7 10-6 10-5
M
ga
s 
[M
su
n
]
Mdot (Msun year-1)
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∫
Σgas2pirdr.
The black dashed line shows the actual mass of the gas disk in the simulations, Mgas = 0.16M⊙.
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Σdust ∝ (ηvKSt) ∝ (St/vK)−1 ∝ M0star. Thus, the dust
surface density in the Epstein regime is independent of
the central-star mass. Because we use the fact that
Σgas ∝ Ω, this is a unique feature of dust disks in gravi-
tationally unstable gas disks.
rStokes increases withMstar because the mean free path
depends on Mstar as λmfp ∝ (ΣgasΩ)−1 ∝ M−1star. In
addition, adust depends on Mstar, as adust ∝ StΣgas ∝
Mstar at a certain r. As a result, the condition adust =
(9/4)λmfp is realized at a larger r, and rSt increases with
increasing Mstar.
As shown in the top right panel of figure 5, the colli-
sion velocity is also an increasing function of central-star
mass, it scales as ∆v ∝ St1/2 ∝ M1/4star (equation (A15)).
All models considered in this section satisfy the condi-
tion of ∆v < vth, and the collisional fragmentation does
not change our results significantly.
In the left panel of figure 6, we show µM and µF as
functions of the central-star mass. Both µM and µF are
decreasing functions of the central-star mass. This de-
pendence exists because, although Σdust converges to the
same steady-state solution in the Epstein regime and the
dust disk has roughly the same mass, the mass of the gas
disk is an increasing function of the central-star mass as
Mgas ∝ Ω ∝ M1/2star. As a result, µM and µF decrease as
the mass of the gas disk increases. Our empirical for-
mula, equation (37), shows that µF ∝ M−0.53star , having a
relatively strong dependence on the central-star mass.
The right panel of figure 6 shows the apparent mass,
µFMgas, and the actual mass of the gas disk, Mgas, as
functions of the central-star mass. The apparent mass
has very weak dependence on the central-star mass. Al-
though this result appears to contradict the results shown
in the left panel of figure 6, there is no contradiction. As
shown by the dashed line, the mass of a gas disk with
constant Q value is an increasing function of Mstar as
Mgas ∝ M1/2star. This positive dependence almost cancels
the negative dependence of µF. The range of the appar-
ent mass is again within the observed mass range from
the dust thermal emission. The lack of correlation be-
tween the apparent mass and the central star mass stems
primarily from the fact that the dust disk converges to
the same steady-state solution in rStokes . r . rdrift and
has roughly the same total dust mass.
3.2.3. Dependence on the dust porosity
As shown in Okuzumi et al. (2012), dust aggregates
may grow to highly porous aggregates with ρint ≪
1 g cm−3. Therefore, it is expected that the filling fac-
tor of dust aggregates in the protoplanetary disk has a
small value (f ≪ 1). In this section, we investigate how
the dust profiles depend on the porosity. Note that we do
not consider porosity evolution directly, rather, we treat
it as a parameter.
Figure 7 shows the profiles of dust surface density, col-
lision velocity, and Stokes number in the steady state
for various filling factors. As shown in this figure, the
dust surface density converges to the same steady-state
solution for rStokes < r < rdrift. This is because, in the
Epstein regime, St ∝ ρintadust and ρint and adust can be
simultaneously eliminated from equation (A18) and the
Stokes number does not depend on the filling factor. In
addition, the dust surface density is solely determined by
the Stokes number.
rStokes increases as porosity decreases because adust is
calculated from adust = (2ΣgasSt)/(piρint) ∝ f−1 and the
mean free path does not depend on the internal den-
sity. The steady state in the Stokes regime, which is
also determined by (A18), depends on ρint because we
cannot eliminate the dust radius and internal density si-
multaneously from (A18) in the Stokes regime, and Σdust
converges to the different steady solutions. In the model
with f = 10−4 (magenta dotted line), dusts grow quickly
and enter the Stokes regime before the dust disk struc-
ture converges to the steady-state solution of the Epstein
regime.
In the model with f = 10−4, the surface density and
Stokes number rapidly increase at r ∼ 20 AU, indicat-
ing planetesimal formation. Therefore, planetesimal for-
mation is possible at r & 10 AU, if the filling factor
decreases to f . 10−4 in the gravitationally unstable
disk. Note that the collision velocity is smaller than the
threshold velocity (vth = 80 m s
−1) and our assumption
of perfect sticking is valid in the models discussed in
this subsection. Although porous dust aggregates can
grow to large radii (in f = 10−4 case, the radius be-
comes adust ∼ 104 cm at r ∼ 20 AU), this growth
does not significantly change the absorption opacity, be-
cause the opacity does not depend on the size adust, but
on the product of the filling factor and the size, adustf
(Kataoka et al. 2013). In figure 8, we show adustf in the
steady state for various filling factors. adustf converges
to the same steady state, independent of f in the Epstein
regime, because af ∝ aρint ∝ St, and St does not depend
on the filling factor.
In the left panel of figure 9, we show µM and µF for
various filling factors (f = 1, 10−1, 10−2, 10−3, and
10−4). For the calculation of the f = 10−4 model, we set
rmin = rP to limit complexity. The figure reveals a very
weak dependence of µM on the filling factor. Although
the dust is depleted in the inner region in the models with
a small filling factor, its contribution to the total mass
is not significant owing to the metric 2pir in the integral.
Furthermore, in the 50 AU . r . 80 AU region, the
surface densities for the models with small filling factor
are slightly larger than those for the models with a large
filling factor. As a result, µM is almost constant against
changes in porosity.
On the other hand, µF exhibits a dependence on fill-
ing factor for f ≥ 10−1. From f = 10−1 to f = 1,
µF suddenly increases even though the dust mass is al-
most constant. This change is caused by the increase
in absorption opacity. As shown in figure 1, the opac-
ity for compact dust (f = 1) increases in the range o
10−2cm . adust . 1cm. Because the dust size in the
f = 1 model enters this range in the outer region of
the disk, 40 AU . r . 80 AU, the thermal emission at
λ = 1.3mm from this region becomes larger than that
with micron-sized dust. This causes an increase of µF in
the f = 1 case. Note, however, that the compact case
(f = 1) seems to be unlikely, both theoretically and ob-
servationally (A’Hearn et al. 2005; Pa¨tzold et al. 2016;
Ormel et al. 2007; Okuzumi et al. 2012). For f < 10−1,
µF is almost independent of f because the dust poros-
ity mainly influences the inner structure of the disk and
the contribution of the inner region to the radiative flux
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is small owing to the opacity decrease by dust growth
and the metric 2pir in the integral. As indicated by our
empirical formula, equation (37), µF scales as f
0.0048 for
f ≤ 10−1 and is almost independent of the filling factor.
In the left panel of figure 9, we show the apparent disk
mass. The dependence of the disk mass on the porosity
is so weak that it does not influence the apparent disk
mass. Again, the apparent disk mass is within the range
0.01M⊙ < Mapp < 0.1M⊙ as suggested by observations.
3.2.4. Dependence on the disk radius
In figure 10, we show the profiles of the dust surface
density and dust size in the steady state for various disk
radii (r = 50, 100, and 200AU). Similar to previous
cases, until the dust particles grow sufficiently for ra-
dial drift to begin, they move with the gas advection
velocity. Once the dust radial drift begins, the dust sur-
face density decreases from the initial value. Because the
steady-state solution does not depend on the disk radius,
all of the models converge to the same solution, both in
the Epstein and the Stokes regimes, once the radial drift
begins.
As shown in figure 11, µM is 0.3 < µM < 0.4, and the
dust-to-gas mass ratio is less sensitive to the disk radius.
On the other hand, the dependence of µF on the disk ra-
dius is relatively strong. This is because, in the disk with
rdisk = 50 AU, the dust size becomes adustf > 1 cm (see
right panel of figure 10), and the dust opacity decreases
over nearly the entire region of the disk. As shown in our
empirical formula, equation (37), µF scales as µF ∝ r0.41disk .
The apparent mass shown in the right panel of figure
11, increases rapidly as the disk radius increases because
bothMgas and µF are increasing functions of the disk ra-
dius. Note, however, that even for a relatively large disk
with r = 200 AU, apparent mass is 0.05M⊙ and within
the range suggested by the observations.
3.3. Maximum radius for planetesimal formation
As pointed out by Okuzumi et al. (2012) and
Kataoka et al. (2013), highly porous aggregates grow
faster than radial drift and finally form planetesimals
in the inner region of a disk for which Stokes drag law
determines the dust stopping time. According to this sce-
nario, the orbital radius within which planetesimals form
rP increases with the gas surface density (Okuzumi et al.
2012). On the other hand, a disk with a larger surface
density than that of a gravitationally unstable disk can-
not exist. Therefore, by investigating the parameter de-
pendence of rP in a gravitationally unstable disk, we can
determine the maximum value for rP.
As noted in §2.2, unlike the other results discussed in
this paper, rP inevitably depends on the initial conditions
when we employ the radial drift velocity of equation (15).
The rP of a model using equation (15) indicates the max-
imum value for the parameter set of the model. On the
other hand, rP becomes independent of the initial condi-
tion when we employ the radial drift velocity of equation
(17), and the rP of a model using equation (17) indicates
the orbital radius within which planetesimals form under
a steady-state solution and is the minimum value for the
parameter set. We first show the results obtained using
equation (17) and then discuss the difference between the
results with equation (15) and equation (17).
In the left panel of figure 12, we show the dust sur-
face densities of the models in which planetesimals form
for r > 10 AU. A sudden increase in the dust sur-
face density indicates planetesimal formation. rStokes
and, therefore, rP increase according to the increase in
Mstar and M˙gas, along with the decrease in Qcrit and
f . Among these parameters, Mstar and f strongly af-
fect rP. The maximum rP is realized in the model with
Mstar = 2M⊙, M˙gas = 3 × 10−7M⊙ yr−1, f = 10−5,
and has a value of rP ∼ 30 AU. On the other hand,
if we consider the model with Mstar = 1M⊙, M˙gas =
3 × 10−7M⊙ yr−1, f = 10−5, the orbital radius within
which planetesimals form is rP ∼ 20 AU.
The right panel of figure 12 shows the profile of collision
velocity. The collision velocity of all models considered
in this section is smaller than the threshold velocity and
neglecting the collisional fragmentation is still valid. Al-
though rP can increase with larger M˙gas, the collision
velocity becomes too large and exceeds the threshold
velocity. Thus, the collisional fragmentation cannot be
avoided, and larger rP may not be achieved by increasing
M˙gas.
In figure 13, we compare rP in the simulations with the
equations (15) and (17). Thick lines indicate the results
using the equation (15). As we discussed, rP becomes
large under equation (15). For example, in the model
with Mstar = 1M⊙, M˙gas = 3 × 10−7M⊙ yr−1, f =
10−5, the orbital radius for planetesimal formation be-
comes rP & 20 AU, which is approximately 10 AU larger
than that under equation (17). This increase is caused
by the large mass accretion rate and the large dust sur-
face density at the beginning of the simulation. In re-
ality, planetesimals may form between the two radii ob-
tained using the equations (15) and (17). Summarizing
the above discussion, we can conclude that planetesimal
formation is possible at r ∼ 20 AU in gravitationally
unstable disks around protostars with Mstar = 1M⊙.
This is the theoretical maximum value of rP according
to the planetesimal formation mechanism suggested by
Okuzumi et al. (2012) and Kataoka et al. (2013).
4. SUMMARY AND DISCUSSION
In this paper, we investigated the dust structure in
a gravitationally unstable disk undergoing mass accre-
tion from an envelope, envisioning the application of
our findings to Class 0/I YSOs. We considered the
growth and radial drift of dust particles with a single size
approximation (Kornet et al. 2001; Birnstiel et al. 2012;
Okuzumi et al. 2016; Sato et al. 2016). Comparing the
dust thermal emission from a steady-state structure with
that from a disk with ISM dust-to-gas mass ratio and
micron-sized dust, we evaluated the apparent reduction
rate of the gas disk mass estimated from the dust ther-
mal emission at λ = 1.3mm, and showed that the disk
mass is systematically underestimated.
We also investigated the orbital radius within which
planetesimals form rP in a gravitationally unstable disk,
using the planetesimal formation mechanism suggested
by Okuzumi et al. (2012). rP of a gravitationally un-
stable disk is the theoretical maximum value because it
increases with the gas surface density. Thus, we derived
the maximum rP for arbitrary disks.
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4.1. Summary
Our findings are summarized as follows.
1. The dust disk quickly settles into the steady state
and the total dust mass in the steady state of grav-
itationally unstable disks in Class 0/I YSOs sys-
tematically decreases from that of a disk with ISM
dust-to-gas mass ratio. The reduction rate µM is
1/2 to 1/3 depending on the mass accretion rate,
disk radius, and mass of the central star. The in-
ternal density of the dust aggregates only has a
minimal effect on the reduction rate.
2. The radiative flux of dust thermal emission from a
steady state disk also systematically decreases by
a factor of 1/3 to 1/5 from that of a disk with ISM
dust-to-gas mass ratio and micron-sized dust. This
reduction is caused both by dust depletion and a
decrease in opacity owing to dust growth. Because
ISM dust-to-gas mass ratio (typically 1/100) and
micron-sized dust (typically 0.1µm) are often as-
sumed in the estimate of the gas disk mass from
dust thermal emissions, our results suggest that the
gas mass of gravitationally unstable disk is under-
estimated by a factor of 1/3 to 1/5.
3. Even when a gravitationally unstable disk exists in
Class 0/I YSOs, the typical value of the apparent
disk mass estimated from dust thermal emission is
∼ 0.03M⊙ and has a 0.01M⊙ . Mapp . 0.1M⊙
range. The apparent disk mass has positive depen-
dence on the mass accretion rate from the envelope
and disk radius but is almost independent of the
dust internal density and mass of the central star.
The apparent disk mass is consistent with the disk
mass of Class 0/I YSOs estimated from observa-
tion, and this apparent reduction suggests that a
larger fraction Class 0/I YSO disks is gravitation-
ally unstable than previously believed.
4. The asymptotic steady-state solutions for dust
structures is derived (discussed in Appendix A).
The solutions are applicable to arbitrary disks in
which the radial drift determines the dust struc-
ture. For example, in the gravitationally unstable
gas disk considered in this paper, the dust sur-
face density asymptotically obeys the power law
of Σdust ∝ r−31/28 in the Epstein regime, when
∆v =
√
αc2sSt and Hdust = (St/α)
−1/2Hgas.
5. In the gravitationally unstable disk, planetesimals
can form at r ∼ 20 AU around a 1M⊙ proto-
star via the planetesimal formation mechanism sug-
gested by Okuzumi et al. (2012) and Kataoka et al.
(2013). Because the gas surface density of the grav-
itationally unstable disk is the theoretical maxi-
mum and the orbital radius of planetesimal for-
mation rP is an increasing function of the gas sur-
face density, this value is the theoretical maximum.
Thus, planetesimal formation at r & 20 AU for a
1M⊙ protostar by the mechanism is highly unlikely
because of the radial drift barrier. Some outer mi-
gration mechanisms, such as the outer migration
of planets (Malhotra 1995; Levison & Morbidelli
2003; Tsukamoto 2011) would be required to ex-
plain the existence of planetesimals for r & 20 AU
in the solar system.
4.2. Discussion
4.2.1. Comparison to observations
Our estimate of the apparent mass of a gravitation-
ally unstable disk is consistent with the disk masses
of Class 0/I YSOs estimated from dust thermal emis-
sion. Andrews & Williams (2007) observed YSOs in
Ophiuchus and showed that the disk mass of Class I
YSOs is typically 0.015M⊙ and has a range of 0.01M⊙ <
Mgas,obs < 0.1M⊙. Jørgensen et al. (2009) observed
20 Class 0/I YSOs and showed that the typical disk
mass of Class 0/I YSOs is approximately 0.05M⊙.
Jørgensen et al. (2009) pointed out that their theoretical
model for disk evolution tends to produce a larger mass
than the observationally estimated value. We propose
that this inconsistency comes from the growth and deple-
tion of the dust aggregate. Enoch et al. (2011) observed
Class 0 YSOs and suggested that the typical disk mass is
about 0.2M⊙, which is larger than the value suggested in
other observational studies. Because the apparent disk
mass is an increasing function of mass accretion rate, as
shown in figure 4, the large mass obtained in Enoch et al.
(2011) can be explained if the mass accretion from the en-
velope is large. It is also possible that the dust disk has
still not converged to the steady-state structure in the
Class 0 phase because of its young age. In this case, the
difference between Mgas and Mapp becomes small. Note
also that contamination of the envelope or temperature
variation may also cause overestimation of the disk mass,
as was noted by these researchers. Because the masses
of Class 0/I YSOs are consistent with or slightly larger
than our apparent disk mass, we conclude that a larger
fraction of the Class 0/I disks than previously considered
are gravitationally unstable.
One may think that the decrease of dust-to-gas mass
ratio suggested in this paper is inconsistent with the
recent observational study that reports large dust-to-
gas mass ratio ∼ 1/10 of evolved disks in Lupus
(Ansdell et al. 2016). Note, however, that the gas mass
is estimated from the CO line emissions and, as authors
noted, whether the large dust-to-gas mass ratio indicates
rapid gas loss or depletion of CO by the chemical evolu-
tion is unclear (see also Miotello et al. (2016)). Note also
that the age of the objects are 1 − 3 Myr and they are
not in Class 0/I phase. Therefore, these observations do
not directly contradict our results because of uncertainty
of chemical evolution and different evolutionary stages.
One may also think that the disk-mass independence
of the central-star mass suggested in this paper con-
tradicts observational results of positive correlation be-
tween stellar mass and disk mass (Williams & Cieza
2011; Andrews et al. 2013). However, the apparent disk-
mass depends on the mass accretion rate and the disk
radius, and it is possible that these parameters have cor-
relations to the central-star mass. If this is the case, the
disk-mass is indirectly correlated to the central-star mass
in Class 0/I YSOs. Note also that the positive correla-
tion were reported based on the observations of Class II
YSOs and the results cannot be directly applied to Class
0/I YSOs.
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4.2.2. Empirical formula of dust-to-gas mass ratio for a
gravitationally unstable disk in Class 0/I YSOs
Because µF is the apparent reduction rate of the gas
disk mass and is useful for comparing theoretical and
observational results, we derive the empirical formula for
µF using the conjugate gradient method as,
µF = 0.17
(
M˙gas
3× 10−7M⊙ yr−1
)0.17
(
Mstar
1M⊙
)−0.53(
f
10−1
)0.0048 ( rdisk
100 AU
)0.41
. (37)
To derive this formula, we examined the steady-state
structures of 144 simulations in total with different
parameter sets. We examined the following param-
eters: M˙gas = {1 × 10−7, 3 × 10−7, 1 × 10−6, 3 ×
10−6}M⊙ yr−1, Mstar = {0.5, 1.0, 2.0}M⊙, f =
{10−4, 10−3, 10−2, 10−1}, and r = {50, 100, 200} AU.
We omitted the datasets with f = 1 because they may
be unlikely to occur in realistic situations and the sud-
den jump at f = 1 (see figure 9) results in an incorrect
fit for f ≤ 10−1. Therefore, we cannot use the empirical
formula for f > 10−1.
Because µF indicates the extent to which the disk mass
is underestimated from that with the ISM dust-to-gas
mass ratio and the micron-sized dust, we can calculate
the ”effective” dust-to-gas mass ratio fdg,eff for a gravi-
tationally unstable disk as
fdg,eff ≡ µFfdg,ISM = 1.7× 10−3
(
M˙gas
3× 10−7M⊙ yr−1
)0.17
(
Mstar
1M⊙
)−0.53(
f
10−1
)0.0048 ( rdisk
100 AU
)0.41(fdg,ISM
10−2
)
,(38)
where fdg,ISM is the dust-to-gas mass ratio of the ISM.
We can test whether observed Class 0/I YSO disk is
gravitationally unstable using equation (38) and the fol-
lowing procedure. First, we calculate the trial gas disk
mass using
Mtrial ≡ f−1dg,effMdust, (39)
whereMdust is the dust mass derived from the dust ther-
mal emission under the assumption of standard micron-
sized dust opacity. Then, we derive the mass of the grav-
itationally unstable disk as
MGI =
∫
2pirΣGI(r)dr ∼ 8.6× 10−2
(
Mstar
1M⊙
)1/2
(
Qcrit
2
)−1
(r
2/7
out − r2/7in )M⊙,(40)
Here, rin and rout are the inner and outer radii of the disk
in astronomical units, respectively. Qcrit is the critical Q
value, with the 1 . Qcrit . 2. The temperature is as-
sumed to be given by equation (7). If Mtrial is compara-
ble to MGI, we can conclude that the disk is gravitation-
ally unstable. On the other hand, when Mtrial < MGI,
the disk is gravitationally stable.
4.2.3. Appearance of gravitationally unstable disk: Do spiral
arms always exist ?
Although a gravitationally unstable disk is often con-
sidered to have spiral arms, this is not always true. GI
has an episodic nature and spiral arms emerge only when
GI is triggered. The viscous α could temporally increase
to a value as large as αtemp ∼ 1 when the spiral arms are
fully developed. Once the surface density is redistributed
by GI, αtemp decays to a small value until the disk once
again becomes sufficiently massive for gravitational in-
stability to develop. This episodic nature is neglected
in the steady accretion disk model using time-averaged
value of α. When we consider a gravitationally unstable
steady disk with α ∼ 0.1, this means that the spiral arms
appear only for a duration of ∼ (α/αtemp)tlifetime ∼ 0.05
Myr during the entire life time of a Class 0/I YSO where
tlifetime ∼ 0.5 Myr is the life time of a Class 0/I YSO.
Therefore, we expect that we have less chance to observe
spiral arms in the Class 0/I phase, even though the disk
is marginally gravitationally unstable.
Note, however, that recent observations have found
that some YSOs have spiral structures possibly ex-
plainable by GI. The grand designed spiral structures
are found in Elias 2-27, which is classified as Class
II YSO (Pe´rez et al. 2016). Although Pe´rez et al.
(2016) suggested that the structures are spiral density
waves, they can also be explained by gravitational
instability as suggested by Tomida et al. (2017).
Tobin et al. (2016) found that the triple protostar
system L1448 IRS 3B, which is classified as a Class 0
YSO, has the spiral structures. A compact multiple
stellar system with spiral arms would be explained
by fragmentation of the gravitationally unstable disk
(Stamatellos & Whitworth 2009; Vorobyov & Basu
2010a; Nayakshin 2010; Tsukamoto et al. 2015c;
Takahashi et al. 2016; Mercer & Stamatellos 2017).
Although the degree of ubiquity of spiral structures is
still unclear, these observations suggest the importance
of investigating gravitationally unstable disks in Class
0/I YSOs in greater detail.
4.2.4. Planetesimal formation in Class 0/I YSOs
We suggest that Class 0/I YSOs are better sites for
planetesimal formation than Class II YSOs, which are
commonly thought to be the formation sites of planetes-
imals and planets. One of the most important advantage
for considering planetesimal formation in the Class 0/I
phase is that a large amount of solid material is available
in this phase. Because dust particles inevitably grow and
radially migrate in a short timescale (see equation (22)),
the total amount of dust that passes thorough the disk is
an important quantity for planetesimal formation. Ow-
ing to envelope-to-disk accretion, a significant amount
of dust (approximately 10−2M⊙ during the formation
of a 1M⊙ protostar) is supplied to the disk during the
Class 0/I phase. Therefore, the efficiency of planetesimal
formation required to produce planetesimals for a solar
system-like planetary system in which the mass of solid
material is about 10−4M⊙ is only ∼ 1 %. Thus, an in-
efficient planetesimal formation process is adequate. On
the other hand, the dust mass in Class II YSOs is typ-
ically Mdust . 10
−4M⊙ and there is no dust supply by
envelope-to-disk mass accretion. Thus, the total amount
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of the dust passing through the disk is approximately
two orders of magnitude smaller than that in the Class
0/I phase and is comparable to that in the solar sys-
tem. Therefore, almost 100 % efficiency for planetesimal
and subsequent planet formation is necessary to produce
a solar system-like planetary system if planetesimal for-
mation starts in the Class II phase.
Furthermore, it is also expected that the gas surface
density in Class II phase is smaller than that in the
Class 0/I phase, which makes planetesimals formation
at larger orbital radius difficult. As shown in this paper,
planetesimals can form at r ∼ 20 AU in a the gravi-
tationally unstable disk. On the other hand, in a disk
with smaller gas surface density, overcoming the radial
drift barrier becomes more difficult because the mean free
path increases as Σgas decreases and the dust aggregate
enters the Stokes regime at a smaller radius. As shown
in Okuzumi et al. (2012), planetesimals can only form
within 10 AU in the disk of minimum mass solar nebula
model. For these two reasons, we suggest that Class 0/I
YSOs are preferable site for planetesimal formation.
Once planetesimals form, they are decoupled from
the gas, and radial migration is negligible until they
grow to planets at which point Type I migration be-
comes important. Therefore, solid material can be
stored in the form of planetesimals in the disks of
Class 0/I YSOs. Note that storing solid material in
the form of small dust particles is highly difficult be-
cause of its short growth timescale and rapid radial mi-
gration (Dullemond & Dominik 2005; Brauer et al. 2007;
Birnstiel et al. 2009).
4.2.5. Influence of outburst events
Although there are several advantages for planetesimal
formation in Class 0/I YSOs, powerful outburst phenom-
ena expected in the Class 0/I phase can possibly have
negative impact on planetesimal formation by extending
the snow line toward several tens of AU and reprocess-
ing the icy dust particles. Here, we focus on the FU Ori
outbursts because other outburst phenomena, such as
EX Lup outbursts, are relatively weak (see for example
Hillenbrand & Findeisen 2015) and negligible.
During FU Ori outbursts, the brightness increases by
4-6 magnitude on the timescale of months to years and
gradually decays over a timescales of 100 years (Herbig
1989). Once the stellar luminosity increases to several
100 L⊙, the H2O snow line moves to several tens of
AU. Recent observation of the FU Ori type star V883
Ori actually detected the H2O snow line at ∼ 40 AU
(Cieza et al. 2016). Inside the snow line, H2O is va-
porized within a short time. When an outburst ceases,
the vaporized H2O will condense onto the dust particles.
Through this evaporation and condensation process, the
properties of the dust particles change; in particular, dust
porosity would increase (dust particles are compacted),
which means that the outburst has a negative impact on
planetesimal formation via coagulation of porous dust
aggregates.
Here, we roughly estimate the distance of snow line
as a function of the luminosity. By assuming the H2O
vaporization happens at Tvapor = 170 K and disk tem-
perature depends on the stellar luminosity as T ∝ L3/7
(Garaud & Lin 2007), the distance of the snow line from
the central star is calculated by solving Tdisk = 150 ×
(L/L⊙)3/7(r/1AU)−3/7 = Tvapor,
rsnow ∼ 41
(
L
400L⊙
)2/3
AU. (41)
This estimate is consistent with the snow line found in
V883 Ori, whose bolometric luminosity is estimated as
400L⊙.
Whether burst events have a large impact on plan-
etesimal formation in the Class 0/I phase critically de-
pends on the intervals between outburst events and on
their magnitude. Dust particles processed by an outburst
drift toward the central star and disappear, while unpro-
cessed fresh dust particles are refilled, on the radial drift
timescale. Therefore, if the radial drift timescale or the
refilling timescale is smaller than the outburst interval,
most of the dust does not undergo outburst processing.
Using equation (A14) and (41), the radial drift (refil-
ing) timescale in the Epstein regime is estimated as
tdrift,Epstein =
r
vr,dust
∼ 2.6× 104
(
L
400L⊙
)25/42
(
M˙
10−6M⊙ yr−1
)−1/2
years,(42)
as a function of the stellar luminosity.
This is an upper limit on the drift timescale because
the porous dust enters the Stokes regime at several tens
of AU and vr,dust becomes much larger than the value of
equation (A14). Using equation (A17) and (41), and as-
suming ∆v =
√
αc2sSt and Hdust = (St/α)
−1/2Hgas, the
radial drift timescale in the Stokes regime is estimated
as
tdrift,Stokes ∼ 2.7× 103
(
L
400L⊙
)103/63
(
M˙
10−6M⊙ yr−1
)−2/3(
M
1M⊙
)−2/3 ( ρint
10−4
)1/3
years.(43)
This is an lower limit on the drift timescale because
the dust radial profile does not quickly converge to this
asymptotic solution and the assumption of St≪ 1 is no
longer valid at the inner region of the disk. In the real-
istic situation, it is expected that the refilling timescale
is between tdrift,Stokes and tdrift,Epstein. These can be re-
garded as the timescales for which the system forgets an
outburst with luminosity L. If an outburst with a maxi-
mum luminosity of L repeatedly occurs with an interval
smaller than tdrift years, it alters the planetesimal forma-
tion process suggested in this paper.
Although the event rate of outbursts is highly
uncertain, it is estimated as 10−4 to 10−5 per
year per protostar (Hartmann & Kenyon 1996;
Hillenbrand & Findeisen 2015; Hartmann et al. 2016),
suggesting a interval timescale tinterval ∼ 104 − 105
years. tinterval seems to be comparable or slightly larger
than tdirft. Furthermore, tinterval is estimated using all
FU Ori outbursts, but some of them are not strong
enough to extend the snow line to several tens of AU.
The bolometric luminosity of FU Ori objects ranges
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20 < Lbol < 550L⊙ (Sandell & Weintraub 2001) and
a stellar luminosity of L ∼ 400L⊙ seems to be closer
to the maximum of the FU Ori outbursts. Thus, it is
expected that the event rate of strong outbursts that
move the snow line to several tens of AU is smaller than
the estimate of 10−4 to 10−5 per year per protostar.
Because the tdrift is ∼ 104 years and is expected to
be smaller for porous dust aggregates, and the interval
timescale of the strong outburst is expected to be larger
than 104 years, we conclude that the influence of outburst
events is limited and that planetesimal formation in Class
0/I YSOs is still a promising pathway to producing plan-
etesimals at the outer radius (> 10 AU), although strong
outburst events may decrease the efficiency of planetesi-
mal formation in the Class 0/I phase.
On the other hand, outbursts may have little influence
on apparent disk mass reduction. As shown in equa-
tion (37), the reduction rate weakly depends on the dust
porosity. Furthermore, the outer region of the disk tends
to have a larger contribution to the thermal radiation.
Thus, changes in the dust properties within several tens
of AU would not significantly affect the apparent disk-
mass estimated from dust thermal emission.
4.2.6. Importance of considering planet formation in Class
0/I YSOs
Because planetesimals can form even in the Class 0/I
phase, investigating the planet formation process in this
phase is an interesting subject. As discussed above, there
are several advantages for planetesimal formation in the
Class 0/I phase. In particular, planetesimal formation at
r > 10 AU requires a large surface density correspond-
ing to Q ∼ 1. There is also an advantage associated
with considering planet formation in the Class 0/I phase.
As shown in figure 3, dust aggregates pass through the
disk in the form of ”pebbles”. Previous studies have
shown that planetary seeds can grow quickly with pebble
accretion (Ormel & Klahr 2010; Lambrechts & Johansen
2012, 2014; Ida et al. 2016). In the Class 0/I phase,
dust particles are supplied via envelope accretion with
a high mass accretion rate of M˙dust ∼ fdg,ISMM˙gas ∼
10−8 − 10−9M⊙ yr−1. This period has a duration of
∼ 0.5 Myr. Under such a large accretion rate, proto-
planet formation is accelerated significantly, especially at
r > 10 AU (Ida et al. 2016). On the other hand, in the
Class II phase, pebble accretion may stop within a short
duration because of the depletion of dust at the outer
edge of the disk. As shown in Lambrechts & Johansen
(2014), even starting from a disk with the ISM dust-
to-gas mass ratio and micron-sized dust particles, dust
particles in a disk of 100 AU in size deplete at ∼ 1 Myr
(this roughly corresponds to the dust growth timescale
at the outer edge). As pointed out by Ida et al. (2016),
depletion of dust at the outer disk edge is a serious prob-
lem for the pebble accretion scenario in an isolated disk.
Furthermore, at the beginning of the Class II phase,
the dust-to-gas mass ratio may already be much smaller
than fdg,ISM and the dust particles have already grown
to centimeter-size, even around the edge, as shown in
our simulations. Therefore, dust depletion occurs over
a shorter period of time than that previously considered
in the Class II phase. Thus, planet formation via the
pebble accretion scenario may be preferred in Class 0/I
YSOs.
Recent observations of HL Tau, which is classified as
being in the late Class I phase, found the multiple ring
structures in the dust disk (ALMA Partnership et al.
2015) and possibly in the gas disk (Yen et al. 2016).
To explain the ring structures, several mechanisms, such
as dust growth near the condensation front of volatiles
(Zhang et al. 2015, 2016), sintering-induced ring forma-
tion (Okuzumi et al. 2016), secular gravitational insta-
bility (Takahashi & Inutsuka 2014, 2016), or gap opening
by planets (Dipierro et al. 2015; Kanagawa et al. 2015,
2016), have been proposed.
If the gaps are induced by planets, an obvious question
is how these planets form in the very early phase of star
formation (the age of HL Tau is . 1 Myr). In this paper,
we proposed the possibility of planetesimal formation in
Class 0/I YSOs. However, whether planetesimals can
grow into the planets within the Class I phase is an open
question. The discovery of multiple rings also suggests
the importance of investigating the possibility of planet
formation in the Class 0/I phase.
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APPENDIX
A:ANALYTIC SOLUTIONS FOR STEADY-STATE STRUCTURE OF DUST DISK
In this appendix, we derive the asymptotic steady-state solution for a dust disk in which dust radial drift dominates.
Although, we focus on the dust structure of a gravitationally unstable disk, the solution is applicable to an arbitrary
gas disk structure.
governing equations
Through omission of the time derivatives of equations (13) and (14), the governing equations for the steady-state
solutions are given as
1
r
∂
∂r
(rvr,dustΣdust) = 0, (A1)
vr,dust
∂mdust
∂r
=
mdust
tcoll
. (A2)
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Equation (A1) is easily integrated and the mass conservation of dust in the steady state is expressed as
2pir|vr,dust|Σdust = M˙dust(= const). (A3)
On the other hand, equation (A2) can be rewritten as
∂adust(r)
∂r
= −
(
1
2pi
)3/2( m2gasv2KM˙dust
rk2BT
2(d lnP/d ln r)2ρint
)(
∆v
HdustSt
2
)
(A4)
where we use equation (A3),mdust = (4pi/3)ρinta
3
dust, ndust = Σdust/(
√
2piHdustmdust), vr,dust = −2ηvKSt, and assumed
that St≪ 1.
Note that the variables in the second bracket are constant or depend only on the gas disk structure; on the other
hand, those in the third bracket depend on adust. Thus, we can solve equation (A4) by specifying the relative velocity,
dust scale height, and drag law.
Steady-state solutions for dust disk
First, we derive the steady-state solution for the case in which the drag law is given by the Epstein drag law and
the relative velocity and dust scale height are given as ∆v =
√
αc2sSt and Hdust = (St/α)
−1/2Hg, respectively. In this
case, equation (A4) becomes
∂adust(r)
∂r
= −
(
M˙dustm
2
gasv
3
KΣgas
(2pi5)1/2k2BT
2(d lnP/d ln r)2ρ2int
)
r−2adust(r)
−1. (A5)
By assuming that the gas disk profile can be expressed as the power law Σgas(r) = Σ0r
−nΣ , T (r) = T0r
−nT , α(r) =
α0r
nα , vK(r) = vK,0r
−nK , we can rewrite equation (A5) as
∂adust(r)
∂r
= −
(
M˙dustm
2
gasv
3
K,0Σ0
(2pi5)1/2(d lnP/d ln r)2k2BT
2
0 ρ
2
int
)
×
r−2+2nT−3nK−nΣadust(r)
−1
≡ Ar−2+2nT−3nK−nΣadust(r)−1, (A6)
where A is a negative constant. Solution of (A6) is given as
adust(r) =
(
2A
−1 + 2nT − 3nK − nΣ r
−1+2nT−3nK−nΣ + C
) 1
2
, (A7)
where C is a constant. Because the power law index of r, (−1 + 2nT − 3nK − nΣ) is negative for the gas disk used in
this paper, ((−1 + 2nT − 3nK − nΣ) = −47/14 < 0), the dust size asymptotically converges to the power law
adust(r)→
(
2A
−1 + 2nT − 3nK − nΣ r
−1+2nT−3nK−nΣ
) 1
2
(A8)
(r → 0)
Using this asymptotic solution, we can show that the ratio of the collision timescale tcoll and the drift timescale
tdrift ≡ r/vr,dust converges to a constant value as
µdust ≡ tcoll
tdrift
→ 2
3(1− 2nT + 3nK + nΣ) (r → 0). (A9)
The asymptotic value of µdust is determined by the power indices of the gas disk. For the gas disk model used in this
paper,
µdust =
2
3(1− 2nT + 3nK + nΣ) =
28
141
, (A10)
where we use equations (8) – (9) and vK ∝ r−1/2 . The fact that µdust → const (r → 0) has already been pointed out
by Okuzumi et al. (2016). The new finding in this section is that the value of µdust depends on the gas disk structure
and there is no universal value for µdust.
Once the asymptotic solution for dust size (or equivalently, the value of tcoll/tdrfit) is determined, the dust sur-
face density, Stokes number, collision velocity, and radial drift velocity are determined by equation (A3), St =
(piρintadust)/(2Σgas), ∆v =
√
αc2sSt, and vr,dust = −2ηvKSt, respectively. The asymptotic steady-state solution of
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the dust structure for our gas disk model (equations (7), (8), and (9)) can be calculated as
Σdust = 1.0
( r
10 AU
)− 31
28
(
M˙gas
10−6M⊙ yr−1
) 1
2
g cm−2 (A11)
St = 9.0× 10−2
( r
10 AU
) 1
28
(
M˙gas
10−6M⊙ yr−1
) 1
2 (
Mstar
1M⊙
) 1
2
(A12)
adust = 3.8× 102
( r
10 AU
)− 47
28
(
M˙gas
10−6M⊙ yr−1
) 1
2
(
Mstar
1M⊙
)(
ρint
0.1 g cm−3
)−1
cm (A13)
vr,dust = −6.5× 102
( r
10 AU
) 3
28
(
M˙gas
10−6M⊙ yr−1
) 1
2
cm s−1 (A14)
∆v = 2.8× 103
( r
10 AU
) 1
8
(
M˙gas
10−6M⊙ yr−1
) 3
4 (
Mstar
1M⊙
) 1
4
cm s−1 (A15)
where we assume that the mass accretion rate of the dust is given as M˙dust = fdg,ISMM˙gas. We also assume that
∆v =
√
2αc2sSt instead of ∆v =
√
αc2sSt for consistency with the numerical simulations conducted in this study. The
value of µdust is not affected by the factor of difference of ∆v. As already shown in figure 2, this asymptotic solution
describes the numerical results well.
The asymptotic value for µdust in equation (A9) is obtained by assuming ∆v =
√
αc2sSt, Hdust = (St/α)
−1/2Hgas
and the Epstein drag law; however, there are other possibilities. For example, it is possible that the radial drift
determines the collision velocity as ∆v = ηvKSt, or that the dust scale height is equal to the gas scale height as
Hdust = Hgas, or that the gas drag is determined by the Stokes drag law. As expected from the term in the third
bracket of equation (A6), the asymptotic value of µdust depends on the forms of ∆v, Hdust and the drag law. Following
the same procedure as that described above, we can calculate the asymptotic value for µdust with these different
assumptions. The asymptotic values for µdust in the Epstein regime are given as
µdust =


2
3(1−2nT+3nvK+nΣ)
(∆v =
√
αc2sSt and Hdust = (St/α)
−1/2Hgas)
1
2−3nT+4nvK+nα+nΣ
(∆v = ηvKSt and Hdust = (St/α)
−1/2Hgas)
5
3(2−4nT+6nvK−nα+3nΣ)
(∆v =
√
αc2sSt and Hdust = Hgas)
(A16)
In the case of the Stokes regime,
µdust =


2
−3nT+4nvK
(∆v =
√
αc2sSt and Hdust = (St/α)
−1/2Hgas)
8
3(2−5nT+6nvK+2nα)
(∆v = ηvKSt and Hdust = (St/α)
−1/2Hgas)
16
3(−2−5nT+6nvK−2nα)
(∆v =
√
αc2sSt and Hdust = Hgas).
(A17)
When µdust becomes negative, the asymptotic solutions become complex and physical solutions under the given disk
structures and conditions do not exist.
Once µdust is determined, the asymptotic solution for the dust size and the Stokes number are determined using
tcoll
tdrift
=
3∆vM˙dust
2(2pi)3/2Hdustη2St
2ρintadust
= µdust, (A18)
and equation (12). Then, we can obtain the dust surface density and the drift velocity by equation (A3) and vr,dust =
−2ηvKSt, respectively.
B:COMPARISON BETWEEN VISCOUS HEATING AND IRRADIATION HEATING
In this paper, we assumed that the disk temperature is determined by stellar irradiation and viscous heating is
negligible in outer region (r > 10 AU). To confirm that viscous heating is negligible in a gravitationally unstable disk
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in outer region, we estimate the temperature profile determined by the viscous heating only. When viscous heating
determines the disk temperature, the energy balance between the local viscous heating and the local radiation cooling,∣∣∣∣d lnΩd lnR
∣∣∣∣
2
α
c2s
Ω
ΣΩ2 =
32σT 4visc
3(τhalf + τ
−1
half)
. (B1)
is realized in the disk, where Tvisc is the midplane temperature in the viscously heated disk, τhalf = (1/2)κΣgas is the
vertical optical depth, and κ is the opacity. We assume that the opacity obeys the power law
κ(T ) = κ0T
2 cm2 g−1. (B2)
This formula approximates the (gray) dust opacity in a low-temperature region, T < 100 K (Bell & Lin 1994). κ0 is
typically 10−4cm2 g−1 if we assume a dust-to-gas mass ratio of 1/100. However, as shown in figure 2, the dust-to-gas
mass ratio becomes ∼ 1/1000 and κ0 becomes ∼ 10−5cm2 g−1 in the steady state of our fiducial model at r ∼ 10 AU.
By solving equations (3), (4), (6), and (B1) and assuming that the disk is vertically optically thick, we obtain the
temperature profile of a disk in which the local heating balances with the local radiative cooling
Tvisc,thick = 58
( r
10 AU
)−3( κ0
10−5cm2 g−1
)2/3
(
Mstar
M⊙
)(
M˙gas
10−6M⊙ yr−1
)2/3
K. (B3)
Thus, Tvisc,thick is nearly equal to the irradiated temperature Tirr at 10 AU, T = 55 K, and decreases more rapidly
than Tirr as r increases. Thus, Tvisc,thick < Tirr in almost the entire region of an optically thick disk. On the other
hand, the disk may become vertically optically thin in the outer region. The temperature profile for an optically thin
disk is given as
Tvisc,thin = 16
( r
100 AU
)−3/13( κ0
10−5cm2 g−1
)−2/13
(
M˙gas
10−6M⊙ yr−1
)2/13
K. (B4)
Although the radial dependence of Tvisc,thin is shallower than that of Tirr, Tvisc,thin is smaller than Tirr for r . 300 AU.
Therefore, at r > 10 AU, Tvisc is smaller than Tirr, in both the optically thick and thin cases and we can adopt an
approximation in which the stellar irradiation determines the temperature of the entire disk.
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